Optical region spectra for a number of upper main sequence chemically peculiar (CP) stars have been observed to study singly and doubly ionized praseodymium and neodymium lines. In order to improve existing atomic data of these elements, laboratory measurements have been carried out with the Lund VUV Fourier Transform Spectrometer (FTS). From these measurements wavelengths and hyperfine structure (hfs) have been studied for selected Pr ii, Pr iii and Nd iii lines of astrophysical interest. Radiative lifetimes for some excited states of Pr ii have been determined with the aid of laser spectroscopy at the Lund Laser Center (LLC) and have been combined with branching fractions measured in the laboratory to calculate gf values for some of the stronger optical lines of Pr ii. With the aid of the derived gf values and laboratory measurements of the hfs, a praseodymium abundance was derived from selected Pr ii lines in the spectrum of the Am star 32 Aqr. This abundance was used to derive astrophysical gf values for selected Pr iii lines in 32 Aqr, and these gf values were used to get a praseodymium abundance for the HgMn star HR 7775. The praseodymium abundance in HR 7775 was then utilized to derive astrophysical gf values for all observable Pr iii lines in this star. The neodymium abundance, derived from unblended lines of Nd ii in HR 7775, has been utilized to establish astrophysical gf values for observed Nd iii lines in the optical region of this star. Selected Pr iii and Nd iii lines have been identified and studied in a number of HgMn stars and three hot Am stars. The praseodymium and neodymium abundance change rapidly from an approximate 1-1.2 dex enhancement for the hot Am stars to 1.5-3 dex enhancement for the cool HgMn stars, indicating a well-defined boundary between the hot Am and HgMn stars in the vicinity of 10 500 K. The enhancement of praseodymium and neodymium in Am and HgMn stars may be explained by diffusive processes active in the stellar atmosphere, while the observed discontinuity might be explained by a thin hydrogen convection zone thought to be present for the Am stars, but absent in the HgMn stars. The absence of a convection zone would cause the diffused elements to gather higher in the atmosphere of HgMn stars compared to Am stars, and explain the observed increase in abundance.
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Introduction
Noticeably strong spectral lines from singly-ionized rare earth elements (REE) (Z = 57-71) 1 are typically observed in the spectra of the cooler chemically peculiar (CP) stars (Am and Ap). As a result of the low ionization potentials of the REE, the hotter CP stars (including the HgMn and the Bp stars) have very weak or non-existent singlyionized REE spectral lines. Instead, these stars should Send offprint requests to: L. Dolk, e-mail: linus.dolk@fysik.lu.se 1 The rare earth elements are comprised of the lanthanides (Z = 57-71) and the actinides (Z = 89-103), but in the context of this paper we only consider the lanthanides as REE.
have strong doubly-ionized lines for REE, provided that the elements are enhanced to a similar level as in the cooler CP stars.
In most hot Am and cool HgMn stars the Pr ii lines are characteristically weak or absent, even though lines from both Ce ii and Nd ii may be readily observable (Cowley 1983) . It is therefore thought that the praseodymium abundance is noticeably less than its even-Z neighbors, which might reflect the odd-even effect observed for the solar elemental abundance distribution among the lanthanides. The weakness or absence of the Pr ii lines can be attributed to a combination of noticeable hyperfine structure (hfs) in the optical Pr ii lines with the fact that REE lines from the doubly-ionized stage clearly dominate over singly-ionized lines in the temperature regime of the hot Am and HgMn stars when the abundance of praseodymium is sufficiently high to make the lines detectable. The third spectrum REE lines are thus a much better tool for investigating the REE abundances in the Am and HgMn stars.
Pr iii lines were first observed in the HgMn star χ Lupi by Bidelman (1966) . Guthrie (1985) noted the likely presence of Pr iii in the HgMn star HR 7775, but did not find any evidence for Pr iii lines in the other seven HgMn stars observed. Strong Pr iii lines in HR 7775 were confirmed by Wahlgren et al. (2000) in the region around 5300Å although an accurate abundance could not be determined due to the lack of oscillator strength data. In recent years it was noted that the third spectrum of praseodymium is very strong in some magnetic Ap stars (Mathys & Cowley 1992) , even though the second spectrum is weak or absent.
In the present study, several cool HgMn stars have been observed primarily to search for lines from the third spectra of praseodymium and neodymium. The investigation was undertaken as part of a larger ongoing project investigating the presence and abundance of heavy elements in Am and HgMn stars and the presence of isotopic anomalies in elements with multiple stable isotopes. By looking for isotope anomalies in different elements, as well as abundance differences between lines originating from different ionization stages of one element, the study might also serve as a test of the diffusion hypothesis (Michaud 1970) .
In this paper, selected Pr ii and Pr iii lines have been studied in order to provide information about wavelengths, atomic structure, and lifetimes for lines of astrophysical interest. Experimental lifetimes for selected levels of Pr ii were obtained utilizing laser spectroscopic techniques, and gf values were calculated for lines of astrophysical interest. These experimental gf values were used to determine the praseodymium abundance in the Am star 32 Aqr. The praseodymium abundance was then used to determine astrophysical gf values for selected Pr iii lines of this star. With the aid of these Pr iii gf values the praseodymium abundance was calculated for the HgMn star HR 7775 (HD 193452) . Astrophysical gf values were then determined for all observable Pr iii lines in HR 7775, utilizing a larger spectral coverage (ranging from 3700 to 8000Å).
Lines of Nd ii with experimentally measured gf values have been utilized to derive a neodymium abundance in HR 7775. Using this abundance, as well as wavelengths of Nd iii lines derived from known energy levels (Martin et al. 1978) , several lines of Nd iii have been identified and astrophysical gf values determined in HR 7775. The accuracy of the known Nd iii energy levels were rather poor, which resulted in inaccurate values of the derived Ritz wavelengths. New laboratory measurements of Nd iii were carried out with the Lund VUV FTS for accurate wavelengths.
Ultimately, with the newly determined astrophysical gf -values, the abundance and/or presence of praseodymium and neodymium are investigated for a number of cool HgMn stars. It is shown that the presence of these two rare earths is best studied via their third spectra where abundances in HgMn stars rival those determined from the second spectra for the cooler A type stars.
Observational data
The stars chosen for this study are mostly cool HgMn stars of spectral type B8-A0, primarily selected because the third spectrum of praseodymium had previously been observed in the two cool HgMn stars χ Lupi and HR 7775 (Wahlgren et al. 1994 .
The main portion of the spectra were obtained with the 2.56 m Nordic Optical Telescope (NOT), located at the Roque de los Muchachos Observatory on the island of La Palma. The spectra were taken with the SOviet-FINnish (SOFIN) echelle spectrograph (Tuominen et al. 1998; Ilyin 1993 Ilyin , 2000 mounted at the Cassegrain focus. The SOFIN spectrograph is comprised of two optical trains, one of which provides access to a permanently mounted 1152×770 pixel array detector of camera focal length f = 1000 mm (camera 2), and one that provides access to a 1152×298 pixel detector for use with one of two interchangeable cameras of focal lengths f = 2000 mm (camera 1) and f = 350 mm (camera 3). The resulting resolving power for the three different cameras is wavelength dependent but is approximately R = 170 000, 80 000 and 25 000 for cameras 1, 2 and 3, respectively. The wavelength coverage of camera 1 is approximately 14Å per order for 10 to 12 orders, depending on the placement of the detector. Camera 2 provides twice the wavelength coverage per order for eight to 10 orders, while a camera 3 observation covers between 70 and 200Å per order for approximately 38 orders. The sensitivity of the SOFIN spectrograph decreases towards the blue and the far red portions of the spectrum. In the present case most of the observations were made in the 5000 to 7000Å region where the sensitivity is quite high. As a result the S/N ratios of the observations were mainly above 100:1.
The SOFIN observations were obtained mainly with the camera 2 setting, but several were also taken with camera 1. The resolving power for camera 2 is dependent on the placement of a line within an order, with the lines near the edge of an order displaying a significantly lower resolving power than the lines at the center of an order. To examine this effect the FWHM was measured for a large number of lines in the Th-Ar comparison spectrum, and from these measurements a resulting resolving power was calculated. From these calculations it could clearly be seen that the resolving power at the edges of an order lies approximately at 50 000, after which it steadily increases towards the center of an order where it is around 85 000. It was subsequently shown that the increase in the resolving power towards the center of an order could best be described with a second order polynomial. As a further test similar calculations were made for several different detector placements after which it was found that the resolving power only changes within an order and not from order to order.
The NOT/SOFIN spectra were obtained at two different grating settings, both placed within the visible portion of the spectral region between 4700 and 6500Å (the stars HR 7775 and 32 Aqr were also observed at additional grating settings). The settings were selected to include unblended strong Pr iii and Nd iii lines previously observed in HR 7775. The observations at the two settings were obtained with camera 1 and camera 2, and many of the stars were observed with either both cameras and/or at both settings. Thus, the amount of data that were obtained varies from star to star.
Spectra of stars of interest to this program were also incorporated from observing programs run at the ESO 1.4 m CAT telescope and the CES Very Long Camera equipped with CCD Loral \#38 and at the ESO NTT 3.5 m telescope and the ESO Multi Mode Instrument (EMMI), both located at La Silla, Chile. Data were obtained at the CAT for the stars HR 6520, HR 6759 and HR 7245 during the time period 1998 July 25-August 1, and were reduced in a normal manner using MIDAS software. The CAT spectra were taken with the CES Long Camera, and were limited in wavelength to the interval 6130-6158Å. Data quality is quite good, as defined by both high resolving power (R 135 000) and signal-to-noise ratio (S/N > 200:1). Since these spectra were taken for other purposes the instrument setup is not optimal for searching for lines from the Pr iii and Nd iii spectra, and only a single Nd iii line can be studied from these data. The NTT spectra cover a much larger wavelength interval (4070-6740Å) at a resolving power of R ∼ 70 000 at S/N ∼ 100:1. Data obtained for the stars χ Lupi, κ Cnc and HR 1800 were taken using the EMMI echelle spectrograph.
Laboratory analyses

Praseodymium
Wavelengths and atomic structure
The odd-Z (Z = 59) lanthanide praseodymium has only one stable isotope 141 Pr with a large nuclear spin (I = 5 2 ) and nuclear magnetic moment (µ/µ N = 4.136). The low levels of Pr ii belong to the configurations 4f 3 6s and 4f 3 5d, and the lines that may be observed in stellar spectra are mainly transitions from these configurations to 4f 3 6p. Due to the unpaired s-electron many of the 4f 3 6s-4f 3 6p lines exhibit large hyperfine structure, whereas the structure is considerably smaller in the 4f 3 5d-4f 3 6p lines. Improved wavelengths for selected Pr ii lines in the region 2800-7900Å that might be of astrophysical interest, as well as magnetic hyperfine constants for the involved 6s and 6p levels, have recently been measured by means of a Fourier transform spectrometer by the Lund University Atomic Astrophysics group (Ivarsson et al. 2001) . The measurements also comprised branching fractions, which in combination with the lifetimes discussed below in Sect. 3.1.2 were used for deriving oscillator strengths for Pr ii lines.
In Pr iii the ground configuration is 4f 3 , and the lines likely to be observed in stellar spectra are 4f 3 -4f 2 5d transitions. As no unpaired s-electron is involved in the transitions, the hyperfine structure is small. The work by Ivarsson et al. (2001) also included accurate wavelength measurements of a number of strong Pr iii lines, and in spite of the high resolution the hyperfine structure was only observed as a widening and an asymmetry of certain lines. Convolution of the FTS Pr iii λ5299.969 line with Gaussian profiles of various resolution shows that line asymmetry starts to become noticeable in the line core for resolving powers near R = 200 000. The lines are presented in Table 1 , where the FWHM in Col. 3 shows the widening and the letter "v" in column one indicates the influence from the hyperfine structure.
As the FWHM is not an unambiguous measure of the width of an asymmetric line with a shoulder on one side, another measure of the influence of the hyperfine structure is shown in column two of the table. The column shows the ratio between the area of the Pr iii line and the area of a single, unblended Pr ii hyperfine component in the same region with the same peak intensity as the Pr iii line.
The wavelengths, which correspond to the centers-ofgravity of the observed features, have an estimated uncertainty ranging from less than ±0.001Å for the strongest lines to ±0.003Å for the weakest.
Pr II lifetimes
Radiative lifetimes were measured for eleven levels in Pr ii using laser spectroscopic techniques. In the experiment ions were created in a plasma produced by irradiating a praseodymium target with laser pulses. The measurements were performed close to the target during the plasma expansion. The ions were selectively photo-excited to the level under investigation by the light from a laser system in which pulses from a Nd:YAG laser were shortened in a stimulated Brillouin scattering (SBS) cell (Li et al. 1999 ) before pumping by a tuneable dye laser. Conventional Nd:YAG lasers produce pulses with a duration of about 10 ns and for precision in lifetime measurements the excitation pulse must be shorter than the investigated lifetime. The dye laser light could be shifted to desired wavelengths using frequency-doubling and Raman scattering. Fluorescence light released at the decay of the excited levels was captured using a fast detection system. The temporal shape of the laser pulse was also recorded and the lifetime values were evaluated by fitting a convolution of the recorded pulse and an exponential to the fluorescence.
The ground configuration in Pr ii is 4f 3 6s. Low lying levels of this configuration were used as a starting point for the laser excitation. In Table 2 the lower and upper levels are given (Martin et al. 1978) along with the excitation wavelengths relevant for these measurements. Martin et al. (1978) . b Gorshkov & Komarovskii (1985) . c Andersen & Sörensen (1974) . d Andersen et al. (1975) .
The blue wavelengths used for excitation can conveniently be produced by frequency-tripling an infrared Nd:YAG laser beam and let the produced UV beam pump a dye laser working with coumarine dyes. However, the pulseshortening using SBS is performed in a water cell with green light, the second harmonic of the infrared. The short green pulses then pump a red dye, DCM, and the tuneable radiation is then frequency-doubled and Stokes shifted in a H 2 Raman cell. The conversion method is given in the fifth column of the table. In every conversion step pulse power is lost but the transitions are often saturated anyway and the pulse power then has to be further reduced using neutral density filters. In the measurements usually the strongest transition, selected by a monochromator, is used for detection and the transition starting from the lowest possible metastable level is used for excitation. The measured levels were chosen by identifying upper levels for transitions believed to be observable in stellar spectra and thus suitable for abundance determinations. The lifetime values are given in Table 2 together with results from previous measurements; Andersen et al. (1974 Andersen et al. ( , 1975 using the beam-foil technique and Gorshkow & Komarovskii (1985) employing electron beam excitation. For level and line-rich elements selectivity in both excitation and detection is especially important. The band width of the laser light utilized in the present investigations was about 0.1Å and the flourescent light was filtered by a monochromator. After setting the laser to the excitation wavelength for a level and observing fluorescence at an expected wavelength, a further test of proper level identifications was made in the measurements. The monochromator wavelengths were scanned in order to observe all the decay channels given for that level by the work of Corliss & Bozman (1962) . For some levels in the list the agreement was too poor and lifetime measurements were not performed due to the uncertainty in level identification.
The advantage with a laser produced plasma as an ion source is the high ion density, the fairly high populations of metastable levels and the presence of high ionization stages. A major drawback is the high speed of the created ions. For Pr iii this speed is on the order of 10 km s −1 . This puts constraints upon how long a lifetime can be measured. Attempts were made to measure the lifetimes for some of the lowest lying levels of Pr iii, but the recorded decays in fluorescence were fitted poorly by the exponentials. During the recording the ions flew too long a distance which meant that some of them left the detection region before the de-excitation. The decay times were on the order of several hundreds of nanoseconds. The Pr iii lifetimes could thus not be measured with any precision utilizing the employed technique. The problem can be reduced by using narrow band-width interference filters, selected for the relevant transitions, instead of a monochromator with a narrow slit.
Neodymium
Neodymium occurs in the form of seven stable isotopes, A = 142, 143, 144, 145, 146, 148, 150 with the relative terrestrial abundances 27%, 12%, 24%, 8%, 17% 6% and 6%. The odd isotopes thus represent 20% of the total abundance, and both isotope and hyperfine structure might be present in the spectral lines. The hfs will, however, generally not be observable, as the hfs patterns will be smeared out and completely masked by the components of the even isotopes. The isotopic shift is generally divided into mass shift and volume shift, where the former effect decreases and the latter increases with increasing mass through the periodic table. For neodymium the isotope shift is comprised of both mass and volume shift, but with the volume shift dominating (King et al. 1973) . The volume shift is usually most prominent for configurations containing s-electrons.
The lowest even levels of Nd ii belong to the 4f 4 6s and 4f 4 5d configurations. The odd parity upper levels in the transitions in the optical region are mainly from three configurations 4f 3 5d 2 , 4f 3 5d6s and 4f 4 6p. Investigations have been made of the isotope shift of Nd ii energy levels, the most extensive being that of Blaise et al. (1984) , who measured the shift between the isotopes with masses A = 144 and A = 150 for over 300 energy levels, and Nakhate et al. (1997) who measured the 144-150 shift for approximately 300 levels. In these studies the shift of the 4f 4 5d 6 K 9/2 levels was defined as zero. The levels of the Nd ii ground configuration 4f 4 6s show large isotope shifts due to the presence of the 6s electron, with a typical spacing between the A = 144 and A = 150 of 0.24 cm −1 , whereas the shifts of the 4f 4 5d levels are close to zero. The shifts of the odd levels involved in transitions in the optical region range from 0.15 to approximately 0.43 cm −1 , with the larger shifts being present for levels in the 4f 3 5d6s configuration.
Note should be made of the fact that the separation between the A = 144 and A = 150 isotopes of neodymium perhaps is not a good reflection of the observable isotope shift since the 150 Nd isotope is only responsible for approximately 6% of the total amount of neodymium in the terrestrial isotopic mixture, while approximately 88% of the isotopes are represented by the isotopes between A = 142 and A = 146. King et al. (1973) have measured isotope shifts between all the even isotopes for six spectral lines. In all of these the separation between the A = 144 and A = 150 isotopes is approximately twice as large as the separation between the A = 142 and A = 146 isotopes. Also, in measurements by Nöldeke (1955) , Blaise (1957) and Ahmad & Saksena (1977) , it can be noted that isotope shifts 144 Nd-150 Nd are approximately 3.4 times larger than the isotope shifts 142 Nd-144 Nd.
To conclude, the largest shift measured between the 144 Nd-150 Nd isotopes in a Nd ii energy level is less than 0.5 cm −1 . A transition between such an energy level and a level without structure would result in a spectral line with a wavelength shift of approximately 0.1Å in the optical region. This, coupled with the fact that the shift between the most abundant isotopes 142 Nd and 144 Nd is much smaller than the 144 Nd-150 Nd shift, means that the observed structure in Nd ii lines is rather small, even in the most extreme cases. For these reason we have neglected Nd ii line structure in the line lists used for making the synthetic runs for our abundance studies.
The gf values adopted for the observed Nd ii lines are the experimental values from Meggers et al. (1975) and Ward et al. (1985) .
The lowest levels of Nd iii belong to the 4f 4 configuration, and the strongest lines are 4f 4 -4f 3 5d transitions. The amount of published laboratory data for Nd iii is very scant, and only a few energy levels are included in the compilation by Martin et al. (1978) . No line lists have been published, and as the reported energy levels are only given with one decimal, it is not possible to derive sufficiently accurate wavelengths from the level values. For this reason laboratory measurements of Nd iii have been carried out with the Lund VUV FTS and new wavelengths have been determined (Aldénius 2001) . Measured wavelengths in the region 4625-6550Å from that work are presented in Table 7 .
The Nd iii lines of Table 7 showed a small influence of the isotope effect, mainly visible as an unresolved shoulder with an area of 5-6% of the total line. Comparisons with the known structure of Nd i lines showed that this shoulder is caused by the 150 Nd isotope.
Spectrum analysis
Elemental abundances and astrophysical gf values were determined by comparing the observed spectra to synthetic spectra generated with the SYNTHE (Kurucz & Avrett 1981; Kurucz 1993a) program. Atomic line data were taken from the lists of Kurucz (1993a) . Several of the lines studied for this paper were not present in the linelists. These lines, as well as hyperfine structure components, were individually entered into the linelists.
Before being fitted with synthetic spectra, the observational data were flux normalized to the line-free continuum level. The normalization procedure was accomplished with the use of an Interactive Data Language (IDL) procedure that allows the user to choose locations in the spectrum that will serve as continuum points (Wahlgren 1996) . The choices of these points are not limited by the flux values and they can therefore be chosen with the aid of synthetic spectra. The normalization task was made easier by the fact that most of the observations were carried out in the red portion of the spectrum, where the line density is low and the continuum level is easily identified in the hot stars observed for this study. The uncertainty level for abundances resulting from improper continuum placement is dependent upon the observed S/N level. We estimate that for S/N = 100, the error in continuum placement is approximately 1% which, for example, results in an uncertainty of ±0.05 dex in the abundance determined from the Pr iii λ5264 line.
The temperature range of HgMn stars is such that the majority ionization state of the praseodymium and neodymium atoms is doubly ionized. Until recently no oscillator strength data existed for Pr iii or Nd iii, making it impossible to directly determine an abundance from the third spectrum lines of these elements. Recently theoretical oscillator strength data have been made available both for Pr iii (Palmeri et al. 2000; Bord 2000 , private communication, Biémont et al. 2001 and Nd iii (Bord 2000) .
The complexity of the Pr iii and Nd iii spectra coupled with the nature of theoretical oscillator strengths means that any uncertainties attached to the abundance determinations based upon these values must be tested. In order to circumvent this problem we have chosen to determine abundances directly from a star where both singly-ionized praseodymium and neodymium lines with known experimental oscillator strengths, as well as doubly-ionized praseodymium and neodymium lines, are visible. In this way the singly-ionized lines can be utilized to derive an abundance, grounded in experimentally determined f-values, that can be used for determination of astrophysical gf values for Pr iii and Nd iii lines. The astrophysical gf values can then be compared with the theoretical gf values to establish the reliability of these values, and be used as an abundance determining tool for the hotter HgMn stars, where the Pr ii and Nd ii lines are too weak to be observed. An implicit assumption of this approach is that statistical equilibrium results in an unique abundance for all ions of an element. The validity of this assumption can be questioned since ionization anomalies and abundance stratifications have been reported for certain elements in HgMn stars (i.e. for mercury in Proffitt et al. 1999) . So far, however, no note has been made of a REE ionization anomaly in these stars, although this might reflect errors in atomic data and difficulties in observing lines from multiple ionization stages.
32 Aqr
The metallic-lined (Am) star 32 Aquarii (HD 209625 = HR 8410) is a slowly rotating single-lined spectroscopic binary. It was chosen as a target because it had been observed to have lanthanide overabundances (Magazzu & Cowley 1986 ) and since its T eff is low compared to those of the HgMn stars observed for this study. It was therefore expected that lines from both the singly and doublyionized stages for praseodymium and neodymium would be visible in the spectrum.
Several elemental abundance analyses of 32 Aqr exist in the literature. Smith (1971 Smith ( , 1976 and Lane & Lester (1987) analysed 32 Aqr as part of larger studies of Am stars. The stellar parameters derived in the latter study were T eff = 7300 K, log g = 3.3, v sin i = 19 km s −1 , ξ turb = 2.5 km s −1 . Kocer et al. (1987) derived similar values for the stellar parameters with the exception of the microturbulent velocity, which was found to be ξ turb = 4.5 km s −1 .
In a more recent study (Bolcal et al. 1992 ) the determination of the temperature and surface gravity was made by comparing the values calculated in three different studies, two of which being the studies listed above (Lane & Lester, and Kocer et al.) . The third set was determined by using the photometric relations of Moon & Dworetsky (1985) and the uvbyβ photometry of Hauck & Mermilliod (1980) . The effective temperature and surface gravity determined with this method were T eff = 7870 K, log g = 3.77. The rotational velocity was measured to be v sin i = 5 km s −1 by fitting Gaussian profiles to metal lines. This value is quite different from the value of v sin i = 19 km s −1 listed by Hoffleit & Jaschek (1982) . An elemental abundance analysis for 32 Aqr made by Adelman et al. (1997) showed that some of the Pr ii and Nd ii lines were appreciably strong. Subsequent synthetic spectrum calculation made by us prior to making observations showed that the strongest Pr iii and Nd iii lines should be observable in a star with a temperature and abundances corresponding to that of 32 Aqr, making it a suitable object to be used in our study.
The strong spectral lines in 32 Aqr are extremely asymmetric with depressed blue line wings, while the weaker lines appear to be symmetric. The large difference in line shapes between the strong and weak features makes it impossible to get a consistent fit to all spectral lines with a single atmospheric model. The asymmetry of the strong lines has been interpreted by Landstreet (1998) as evidence for atmospheric velocity fields in 32 Aqr. According to Landstreet the standard assumption of a height independent microturbulent velocity field is not valid in at least some of the Am stars with T eff around 8000 K. In these type of stars a variation of the microturbulent velocity with height has to be incorporated in order to improve the agreement between the observed and calculated line profiles.
The asymmetric line profiles of the stronger spectral lines in 32 Aqr make the determination of the atmospheric parameters more difficult. The values of elemental abundances and the turbulent velocity that we adopted for 32 Aqr in this paper are to some extent based upon values obtained from previous studies. The effective temperature and gravity were, however, calculated from the uvbyβ photometric colours provided by Hauck & Mermilliod (1980) . The rotational velocity was determined from synthetic line profile fitting to weak symetrically shaped spectral lines.
The final values adopted for 32 Aqr were: T eff = 7700 K, log g = 3.65, v sin i = 5 km s −1 and ξ turb = 4.0 km s −1 .
HR 7775
HR 7775 (= HD 193452 = β 2 Cap, m v = 6.10, B9.5 III-IVp Hg) is a slowly rotating (v sin i = 2 km s −1 ) HgMn star. It is a visual binary to the bright star HR 7776 (= HD 193495 = β 1 Cap), with a separation of 205 arcsec (Hoffleit & Jascheck 1982) . HR 7775 and HR 7776 each have either confirmed or suspected companions. In the case of HR 7775 a binary component has been detected by the lunar occultation method, at a separation of 0.28 arcsec (Radick & Lien 1980) . The magnitude difference between the two components is 3.05 magnitudes in the Stromgren b filter. The astrometric satellite Hipparcos detected HR 7775 as a binary with a separation of 0.68 arcsec and magnitude difference of 2.98 mag (Perryman et al. 1997 ). It is difficult to estimate if the secondary contributes to our spectrum of HR 7775 since the orbit of the secondary has not yet been determined. The contribution of the secondary to the spectrum is determined by the separation of the components at the time of the observation, their position relative to the slit, the slit width, and the seeing. Of these factors only the last two are known with any certainty (the slit width of the SOFIN camera 2 is 0.7 arcsec, and the seeing is typically sub arcsec), making it impossible to determine the contribution of the secondary to the light from HR 7775. In a case where both stars appear on the slit at the time of the observation a contribution of 6% is calculated from the observed magnitude difference for saturated lines. There is, however, no evidence for the presence of spectral lines from the secondary at the level of the noise, typically at the 1% level. In the present work, as in the work by Wahlgren et al. (2000) which shared the use of some of the spectra presented in this study, a possible contribution to the spectrum of HR 7775 from the binary component was neglected as synthetic calculations showed that such a contribution would likely be very small, with a total contribution to the spectral continuum at the level of 2% altering abundances of the primary star by up to 0.07 dex. Thus, the introduction of a secondary could introduce larger errors than it would hope to reduce.
HR 7775 has previously been analysed by Adelman (1994) and Wahlgren et al. (2000) in the optical region, and by Smith & Dworetsky (1993) in the ultraviolet. The atmospheric parameters and elemental abundances for HR 7775 are derived from the previous works. The stellar parameters adopted in this work were T eff = 10 750 K, log g = 4.0, v sin i = 2 km s −1 , and turbulent velocity = 0 km s −1 , as used by Wahlgren et al. (2000) .
The factors low-rotational velocity, enhanced line strengths for heavy elements, and its well studied nature made HR 7775, along with 32 Aqr, a prime target for the determination of astrophysical gf values for lines of Pr iii and Nd iii. The neodymium abundance in HR 7775 turned out to be sufficiently enhanced for lines from both Nd ii and Nd iii to be visible. Therefore, the Nd ii lines were used for abundance determination, which in turn was used for the determination of astrophysical gf values for Nd iii lines. The astrophysical gf values were determined using the implicit assumption that no ionization anomaly exists for neodymium (and praseodymium) in HR 7775 and for praseodymium in 32 Aqr, even though there is no direct evidence against REE ionization anomalies in these stars. Wahlgren et al. (2000) noted that some elements in HR 7775 have slightly different abundances when derived from lines of different ionization stages. These differences are generally small enough (0.1-0.2 dex) that they can be explained by errors in gf values, uncertainties in the line fitting procedure or lineblending.
There are some clues that an anomaly, if present, should be quite small for neodymium in HR 7775 and 32 Aqr. One such clue is that the astrophysical gf values of selected Nd iii lines in 32 Aqr and HR 7775 agree very well. Since both sets of values were determined from the abundance derived from Nd ii lines, this implies that both stars lack an ionization anomaly for neodymium, or that both stars have a similar anomaly. Since the two stars are different in temperature and chemical composition, there is no reason to believe that they should have a similar anomaly. For praseodymium a similar comparison can not be made due to the weakness of the Pr ii lines in HR 7775. However, astrophysical gf values calculated from the upper limit abundance from Pr ii lines agree very well with the astrophysical gf values determined from 32 Aqr. Another indication of a lack of a significant ionization anomaly is that praseodymium and neodymium abundances derived from lines from the first and second ionization stages were compared for a sample of magnetic and non-magnetic CP stars in the paper by Ryabchikova et al. (2001) , and it was found that all of the observed pulsating magnetic (roAp) stars and several of the non-pulsating Ap stars show a large ionization anomaly, while no anomaly was found for several Ap stars, the two Am stars 15 Vul and 32 Aqr, and the HgMn star HR 7775. Since this study utilized theoretical gf values for the observed Nd iii and Pr iii lines an ionization anomaly could conceivably be masked by errors in the calculations. However, this would mean that several very different stars would have a similar ionization anomaly for praseodymium and neodymium, which would be a remarkable coincidence.
Program stars
The stars observed for this study were mainly cool and fairly bright HgMn stars with the constraint that the projected equatorial rotational velocities (v sin i) were low enough (≤30 km s −1 ) to alleviate blending problems and problems discerning weak spectral features.
HgMn stars as a group are among the most slowly rotating stars on the upper main sequence (Wolff & Preston 1978) and they display very low values of microturbulence (Adelman 1994) , which are properties suggesting that their atmospheres are rather stable. The surface composition of HgMn stars is characterized by profound enhancements of many elements, as well as the depletion of others.
By utilizing published photometric data, solar abundance LTE models were calculated using the ATLAS9 model atmosphere program (Kurucz 1993b) . Synthetic spectra were then created using the model atmospheres and the SYNTHE program (Kurucz 1993a) , from which elemental abundances and v sin i were determined. For most stars elemental abundances had been determined previously in which case those values were used as starting values in synthesizing spectra.
The observed stars are listed in Table 3 together with spectral types from the catalogue of Renson (1991) and photometric parameters from Hauck & Mermillod (1980) . For the cases where the stars are listed in the literature (see for example Batten et al. 1989) or observed by us as spectroscopic binaries the designations SB1 and SB2 are given for single-lined and double-lined spectroscopic binaries. Of the 19 HgMn stars observed, 10 are listed as spectroscopic binaries, which is consistent with the observed frequency of 50% or higher for spectroscopic binaries in the class as a whole (Aikman 1976; Gerbaldi et al. 1985; Schneider 1986; Hubrig & Mathys 1995) .
The three stars ν Cnc, φ Her and HR 7664, which are considered single-lined spectroscopic binaries (Batten et al. 1989; Abt & Snowden 1973; Aikman 1976) , were treated as single objects in the synthetic spectrum analysis since no information is available about their secondaries. Furthermore, none of these stars show any clear signs of a secondary in our data.
HR 1800 has been observed by Hipparcos to be a binary with a V magnitude difference of 0.956 mag and a separation of 0.243 arcsec. At first glance, no clear signs of a secondary can be seen in the spectrum of HR 1800, even though the small magnitude difference and separa-tion would suggest that light from the secondary should give a rather large contribution to the spectrum. By observing the Hβ line and Mg II λ4481 doublet the presence of the secondary could clearly be seen as a depression in the continuum around these lines. The shallowness of the depression suggested that the rotational velocity of the secondary was quite high. With the aid of the observed magnitude difference, and using the assumption of the secondary as a main sequence star, a model atmosphere was created for the secondary with solar abundance values, T eff = 8500 K, log g = 4.0, v sin i = 50 km s −1 and the luminosity ratio L A /L B = 4.
The remaining five SB2 HgMn binaries in Table 3 are all quite well studied, and for each the atmospheric parameters for both the primary and the secondary have been established along with the luminosity ratio between the two components. For all five stars, except κ Cnc, lines from the secondary component were observed in our data and a wavelength separation between lines from the primary and the secondary was established and used in the synthetic spectra. For κ Cnc a wavelength separation of zero angstroms was adopted, since the rotational velocity of the secondary is quite high, and the synthetic spectrum calculations thus quite insensitive to the separation.
The three Am stars Sirius, HR 3383 and o Peg with T eff ≈ 10 000 K were observed in order to investigate the boundary between the the hot Am stars and the HgMn stars. These stars are well-studied, and the physical parameters for them were adopted from previous work.
The physical parameters of the observed stars with their secondary components are listed in Table 4 . The temperatures and gravities for the single stars and the primary components in the binaries were calculated from a computer code provided by R. Napiwotzki (1999 private communication; Napiwotski et al. 1993) , which is based upon the formalism of Moon & Dworetsky (1985) , and the uvbyβ photometric colours presented by Hauck & Mermillod (1980) . For the secondary components these parameters were either adopted from previous work or calculated from the observed magnitude difference between the components and by utilizing the assumption that the secondary is a main sequence star.
The rotational velocities were determined by synthetic spectrum fitting of unblended Fe ii lines. The element iron has four stable isotopes, but only one is dominant for the terrestrial isotope mixture ( 54 Fe: 56 Fe: 57 Fe: 58 Fe = 5.8:91.7:2.2:0.3). Thus, the line core is dominated by the 56 Fe isotope, and isotopic shift and hyperfine structure play a negligible role in line broadening. Most of the Fe ii lines used have similar sensitivity to a magnetic field, making it impossible to investigate the possible presence and strength of a magnetic field. For this reason a possible contribution of a magnetic field to line broadening was neglected in the calculations of v sin i. We note, however, that fitted line profiles do not seem distorted by potential Zeeman broadening, effectively limiting the presence of a noticeable global organized magnetic field. The determined values of v sin i are listed in Table 4 along with previously determined values.
Results
Praseodymium in 32 Aqr and HR 7775
A number of very weak Pr ii lines appear in the spectrum of HR 7775. The weakness of the lines renders a direct abundance determination difficult, and for most lines it is only possible to determine an upper limit of the abundance. The Am star 32 Aqr was considered a suitable target where temperature and high praseodymium abundance would combine to make lines of both Pr ii and Pr iii visible. Unfortunately, the praseodymium abundance stated in previous work (Magazzu & Cowley 1986 ) was apparently overestimated, which meant that the strength of the observed Pr ii and Pr iii lines was less than anticipated. However, the abundance was high enough so that some of the stronger lines from both ionization stages were visible, although quite weak. Only for Pr ii λλ4056, 4062, for which we had determined experimental gf values and hyperfine component intensities, were the line structures relatively unblended and sufficiently strong. With the aid of synthetic spectra a satisfactory fit to both lines was obtained at an abundance of log N Pr = 1.60 ± 0.15 dex (on a scale where log N H = 12). The uncertainty in the abundance determination was calculated by using synthetic spectra to determine the change in the abundance value for a plausible variation of each parameter independently. In the error analysis T eff was changed by ±200 K, log g by ±0.3, v sin i by ±0.5 km s −1 , ξ turb by ±1 km s −1 . The error caused by improper continuum placement was accounted for by allowing it to change by ±1% from its determined placement. The quoted error is a calculated root sum squared (rms) value based on the individual uncertainties of the five parameters. This rms value was deemed appropriate to use as a representation error estimate for other abundance determinations as well as for the determination of astrophysical log gf values. Some error sources are not included in the rms value. The error associated with fitting the observation by the synthetic spectra is not included, but it is less than 0.05 dex. Similarly, errors arising from incorrectly determined laboratory gf values and from the inappropriateness of the stellar model in terms of diffusion (for example), have not been incorporated. After the praseodymium abundance had been determined from Pr ii lines with experimental oscillator strength data, astrophysical gf values were determined for the three Pr iii lines in 32 Aqr for which data had been obtained. The gf values were obtained by adjusting this parameter until the calculated line profile agreed with the observed line profile. The uncertainty in astrophysical log gf for the three Pr iii lines is estimated to be ±0.15 dex, based upon the rms error discussed above. It should be noted that the three Pr iii lines have a small amount of hfs in the laboratory data as indicated in Table 1 . Since the hfs can only be seen as a skewness of the laboratory Pr iii lines observed at a spectral resolving power of R = 10 6 , it is difficult to establish the strength of the hfs components. Each Pr iii line is therefore only represented by a single component.
The extreme asymmetry observed in the line profiles of the stronger spectral lines in 32 Aqr is not evident in Hoffleit & Jaschek (1982) .
weaker spectral lines. The Pr ii and Pr iii lines are quite weak in 32 Aqr and no asymmetry (except hfs in the Pr ii lines) can be seen in the observed features. The uncertainty of the astrophysical log gf values should therefore not be affected by a disagreement between the synthetic and observed line profiles due to asymmetries in the observed spectral lines.
With the aid of the astrophysically determined gf values for the three Pr iii lines in 32 Aqr an abundance determination was made for praseodymium in HR 7775. The derived abundance was log N Pr = +3.68 dex for each of the three lines, an indication that the derived gf values are consistent. The abundance value is also consistent with an upper limit value determined from Pr ii lines.
The laboratory spectrum of Pr iii has been studied extensively by Sugar (1974) . From this study it is evident that the strongest Pr iii lines lie between 5000 and 7000Å and have thus been overlooked by traditional abundance analysis at blue wavelengths. All of the stronger lines in this region of the laboratory spectrum, that is lines with an intensity above 1000 on the laboratory scale presented by Sugar, can readily be observed in the SOFIN spectrum of HR 7775. The intensity scale presented by Sugar is wavelength dependent so that in more sensitive regions (such as between 5000 and 5500Å) lines with intensities down to 100 can be observed, while in other regions, such as above 6000Å it can be difficult to observe lines with intensities of 1000.
After establishing the praseodymium abundance in HR 7775, astrophysical log gf values were determined for 18 of the stronger, unblended lines of Pr iii. Table 5 presents these data. The log gf accuracy for most lines is estimated to be less than 0.1 dex, based upon the fitting error of the synthetic line profile to the observed lines. The correctness of the log gf value for λ5208 is somewhat doubtful since it is blended with Cr i λ5208, but more importantly, since the strength of the line should be much weaker according to the laboratory intensity measurements made by Sugar. It is therefore conceivable that this line is in fact blended with an unknown feature.
The wavelengths presented in Tables 1 and 5 differ somewhat from those determined by Sugar (1974) , typically by 0.02Å. This difference is larger than the difference in the listed measurement accuracies of the two projects. In the present paper the center of gravity wavelengths of the Pr iii lines are presented.
The results for three sets of theoretical gf values are also presented in Table 5 . The three calculations were all made utilizing the Cowan code (Cowan 1981), including some relativistic effects in the optimization of the orbitals. It is interesting to note that the theoretical values by Bord (2000, private For most lines the gf values determined by Bord and Biémont et al. are in good agreement with the astrophysically determined values. Still, it is difficult to conclusively state that these gf values are correct or to what extent the gf values of Palmeri et al. are in error since systematic uncertainties may have been introduced for the astrophysically calculated gf values. The log gf values for the Pr ii lines used for the abundance determination are, however, experimental, and are highly unlikely to be inaccurate by 1 dex. According to diffusion theory, the abundance of an element may differ noticeably when derived Biémont et al. (2001) .
[3] Theoretical log gf values from Palmeri et al. (2000) . Notes: The designations "w" and "bl" denote the spectral line to be weak or blended. Wavelengths in italics from the work by Sugar (1974) . from different ionization stages. There are, however, no clear signs of abundance differences on the order of 1 dex in any of the elements observed in HR 7775 for which two ionization stages have been observed, although ionization anomalies are seen to be as high as 0.5 dex (see Table 3 in Wahlgren et al. 2000) .
Neodymium in 32 Aqr and HR 7775
In the spectrum of HR 7775 a number of Nd ii lines are readily observable. The strongest attain a depth of 15% from the continuum level. Because of this, the determination of the neodymium abundance and the astrophysical gf values for Nd iii lines could be done utilizing a more direct approach than for praseodymium. The appreciable strength of the Nd ii lines in HR 7775 meant that the neodymium abundance could be determined directly for this star without using 32 Aqr as an intermediary object.
The neodymium abundance in HR 7775 was determined from a number of unblended and sufficiently strong Nd ii lines, the gf values of which had been determined from three sources: Ward et al. 1985; Kurucz 1993a , as determined from lifetimes provided by Ward et al. 1985; and Meggers et al. 1975 , corrected with a factor of 0.62 as given in Kurucz 1993a. In the present study 24 lines were observed and analyzed with synthetic spectra. The lines and the abundance derived from them are presented in Table 6 . From this table it can clearly be seen that an analysis of the different lines provide a similar abundance value. The one notable exception is the line at 4109.071Å. The mean abundance value of neodymium in HR 7775, as derived from 20 unblended Nd ii lines, is log N Nd = +4.04 ± 0.12 dex. It might be argued that this abundance would be too high since no isotope and hyperfine structure components were used in the linelists of the synthetic calculations. The isotope structure in a specific line is less than 0.1Å for the optical lines with the largest observed isotope structure, as calculated from the isotope structure of the Nd ii energy levels (Blaise et al. 1984) . In the laboratory measurements of neodymium, made with the Lund VUV FTS, a certain amount of structure can be seen in the Nd ii lines observed in HR 7775. The structure is, however, very small in all these lines, and the lines can therefore be represented by a single component without introducing significant errors in the abundance determination. The spectrum of HR 7775 has a lower S/N (under 100) in the blue spectral region (roughly between 3700-4100Å), which increases the uncertainty of the abundances derived from lines in this region.
An abundance determination of neodymium was also made for 32 Aqr with the aid of unblended Nd ii lines. This analysis served to check the consistency of the abundance 4f 4 ( 5 I)6s 6 L 11/2 -4f 4 ( 5 I)6p 6 K 9/2 4.10 5688.518 −0.250 [3] 4f 4 ( 5 I)6s 6 K 13/2 -4f 4 ( 5 I)6p 6 K 13/2 2.40 a Wavelengths from Kurucz 1993a, as determined from energy levels by Blaise et al. (1984) b Classifications from Martin et al. (1978) References: [1] Meggers et al. (1975) , corrected with a factor of 0.62 as given in Kurucz (1993a) ; [2] Ward et al. (1985) ; [3] Kurucz (1993a) , as determined from lifetimes provided by Ward et al. (1985) . determination for HR 7775 and to discern possible blends that could be present in HR 7775, while absent in 32 Aqr. The lower effective temperature of 32 Aqr results in the Nd ii lines being stronger compared to the corresponding lines in HR 7775, even though the abundance enhancement is not nearly as pronounced as in HR 7775. This meant that certain lines which are too weak to be seen in HR 7775 could be used in the analysis. Nine lines were measured in 32 Aqr and are presented in Table 6 . The neodymium abundance for 32 Aqr derived from these lines is log N Nd = +2.34 ± 0.17 dex.
Astrophysical gf values were determined for 20 Nd iii lines and are presented in Table 7 . To check the consistency of these gf values, the lines of Nd iii which could be seen in the spectrum of 32 Aqr were also observed. In all cases, astrophysical wavelengths and gf values from the two stars were in good agreement with each other.
Theoretical log gf values have been calculated by Bord (2000) and are presented in Table 7 . These values agree well with the astrophysical values for most lines, with some notable exceptions. The lines with the largest disagreement are weak lines (in HR 7775).
Since only a few energy levels, and thus few lines of Nd iii are classified, it is conceivable that many other unidentified features in stellar spectra with neodymium enhancements could be attributed to Nd iii, originating from unknown levels. This could partly explain the large number of unidentified lines for HR 7775 as noted by Wahlgren et al. (2000) . Spectra taken with the Lund FTS confirm this as several lines that could be attributed to Nd coincide in wavelength with unidentified features in the spectrum of HR 7775.
Praseodymium and neodymium in HgMn stars
The neodymium and praseodymium abundance in HgMn stars was determined from Nd iii and Pr iii lines for which gf values had been astrophysically obtained. The specific lines that were observed varies since different stars Martin et al. (1978). b Wavelengths measured with the Lund VUV FTS, Aldénius (2001) . c Theoretical log gf values from Bord (2000) . d Abundance determined using astrophysical log gf values from HR 7775. e Astrophysically determined wavelength.
Notes: The designations "w", "bl" and "n" denote the spectral line to be weak, blended or noise affected. were observed with different spectrographs, modes, and wavelength intervals, and since the number of observable lines is dependant on the abundance of the element in question.
The strength of an individual neodymium or praseodymium line is not only dependant on the gf value and abundance, but also on the stellar effective temperature, through the Boltzman factor. Equivalent width measurements were made from synthetically calculated praseodymium and neodymium lines at different temperatures in order to investigate the temperature dependence of lines from different ionization stages. In the synthetic calculations the λ5294 line of Nd iii and the λ5299 line of Pr iii were used for the equivalent width measurements since these are among the strongest praseodymium and neodymium lines observed in HR 7775. To compare lines from different ionization stages, theoretical singly and triply-ionized lines were created with the same log gf and energy level values as the doubly-ionized lines. Neutral lines were not studied since they display negligible strength in the temperature regime of the HgMn stars. Synthetic spectra were generated for atmospheric models with effective temperatures ranging from 6000 to 13 000 K at 1000 K intervals. The surface gravity in all models was log g = 4. For each atmospheric model synthetic spectra were generated for neodymium and praseodymium abundance enhancements of 1.0, 1.5 and 2.0 dex. The equivalent width measurements for singly and doubly-ionized praseodymium and neodymium are presented in Table 8 .
As evident from Table 8 , the Pr ii and Nd ii lines have equivalent widths that decrease rapidly with increasing temperature. It is clear that lines from Pr ii and Nd ii should be very weak or absent in the temperature regime of the HgMn stars, even at a 2 dex abundance enhancement. Note should be made that while the strongest transitions in Pr ii and Nd ii have similar lower energy levels as the strongest Pr iii and Nd iii lines, they have substantially larger gf values. The astrophysically determined log gf value of the λ5294 Nd iii and the λ5299 Pr iii line is −0.7 and −0.2, respectively, while the strongest optical Pr ii and Nd ii lines have log gf values larger than +0.5. This means that measured equivalent widths are not representative of the strongest Pr ii and Nd ii lines, the equivalent widths of which should be noticeably larger. The strongest Pr ii and Nd ii lines might thus appear in the cooler HgMn stars, provided that the elements are sufficiently enhanced. Table 8 shows that doubly-ionized praseodymium and neodymium becomes the dominant ionization stage, at an effective temperature below 8000 K. The lines of Pr iii and Nd iii decrease in strength with increasing temperature beyond 8000 K, but much less rapidly than the Pr ii and Nd ii lines. The temperature regime of the HgMn stars is thus not optimal for observing the Pr iii and Nd iii lines, but the slow decrease of the line strengths with temperature does imply that the lines should be observable in the HgMn stars, provided that the enhancement of the elements is sufficiently large.
The limit beyond which the equivalent width of a line becomes unobservable in a stellar spectrum is affected by the v sin i of the star and the signal-to-noise of the spectrum. In a high S/N , low v sin i spectrum we estimate the limit to be around 1 mÅ. From Table 8 it is seen that the equivalent width of the Pr iii λ5299 line lies around 1 mÅ at a 1 dex enhancement of praseodymium in the temperature range of the HgMn stars. The Pr iii line would thus be difficult to observe at this enhancement level under optimal conditions, and undetectable at low S/N and/or high v sin i. Similarly, the line would be unobservable at an abundance enhancement less than 1 dex. The Nd iii line has a 2-3 mÅ equivalent width at a 1 dex enhancement of neodymium, and should be observable at this enhancement level in less than optimum conditions. <2.30bl Notes: The designations "w", "bl" and "n" denote the spectral line to be weak, blended or noise affected.
The exclusion of equivalent width measurements of the Pr iv and Nd iv lines in Table 8 is motivated by the absence of any observable feature in the synthetic calculations at stellar effective temperature of 13 000 K and 2 dex enhancement. The ionization potential of Pr iv and Nd iv (38.94 and 40.4 eV) is evidently too large for lines from this ionization stage to present themselves in stellar spectra at effective temperatures below 13 000 K. Calculations show that the Pr iv and Nd iv lines are still absent in a star with an effective temperature of 25 000 K with this enhancement.
In Table 9 the calculated abundance of praseodymium, or the upper limit of the abundance, in the observed HgMn stars are presented for each of the observed Pr iii lines. The uncertainty of the abundance determination varies from line to line as well as from star to star. In the cases where a specific line is strong and unblended, the error in the abundance determinations is estimated to be less than 0.1 dex. In several cases, however, lines are either blended, very weak, or affected by noise, in which cases the error in the abundance determination can be up to 0.2-0.3 dex.
The solar abundance of praseodymium is quite low, log N Pr = 0.71 (Grevesse et al. 1996 ), 0.54 (Ivarson et al. 2001 , and a praseodymium enhancement of 1-2 dex (depending on v sin i, S/N and T eff ) is needed in order to observe the strongest Pr iii lines in the temperature regime of the HgMn stars. For this reason only an upper limit of the abundance can be found for several stars. Upper limits were established by increasing the abundance from the solar value until the synthetic line profile was outside the observed line profile.
Since the amount and quality of data varies from star to star some notes regarding the determined praseodymium abundance are presented for specific stars. For the stars ν Cnc and γ Crv the projected rotational velocity is quite large (v sin i = 20 and 36, respectively), which makes the determination of the abundance more problematic. In ν Cnc only the λ5299 line is useful for a direct abundance determination, all the other lines are only good for establishing a rather high upper limit. For the stars hotter than HR 7143 no praseodymium line can be observed with certainty, and only an upper limit of the praseodymium abundance can be established. The value of the upper limit established is clearly correlated to the v sin i of the star, with the slowly rotating stars having a much lower upper limit than those rotating more rapidly.
The cooler HgMn stars show greater abundance enhancement of praseodymium than the hotter ones. This is illustrated in Fig. 2 where the spectra of the Pr iii λ5299 line is plotted for all HgMn stars where this line was observed. There is a feature at the same wavelength as the λ5299 Pr iii line in 112 Her and κ Cnc, but the abundance value derived from this line is inconsistent with the praseodymium abundance derived from other Pr iii lines. It is therefore believed that this feature originates from a transition in another element. No Pr iii lines are observed with certainty in any of the observed HgMn stars with T eff > 12 500 K. The praseodymium abundance might still be enhanced, but not sufficiently for these Pr iii lines to be observable.
The solar abundance of neodymium is low, log N Nd = 1.50 (Grevesse et al. 1996) , yet higher than the praseodymium abundance. Since the strongest praseodymium and neodymium lines have similar log gf values, and originate from low energy levels, they should be equally strong provided that the abundance of the two elements is the same. We observe the neodymium abundance to be about 0.5 dex greater than the praseodymium abundance, which means the Nd iii lines usually are stronger than the Pr iii lines, and subsequently the neodymium abundance may be more easily determined than the praseodymium abundance.
The Nd iii λ5102 line presented us with a problem. This line, which is the strongest of the observed Nd iii lines in HR 7775, is blended with Mn ii λ5102. In HR 7775 the manganese abundance is rather low for a HgMn star, and the Mn ii line does not significantly blend with the Nd iii line. In other HgMn stars the manganese abundance can be much higher and the effect of the Mn ii line more prominent. It was noted that the abundance value derived from the λ5102 line of Nd iii did not agree with the value derived from other Nd iii lines whenever the manganese abundance was high enough (log N Mn ≥ 7.00) for the blend to be substantial. For stars with solarlike manganese abundance the abundance derived from the Nd iii λ5102 line agrees well with the abundance derived from other Nd iii lines. This suggested that there was a problem with the Mn ii line used in the synthetic calculations.
Manganese lines can show quite large hfs since manganese is an odd-Z element with a large nuclear spin (I = 5 2 ) and magnetic moment (µ/µ N = 3.444). The J values for the upper and lower energy levels of the Mn ii λ5102 line are both J = 4.0, and the line consists of 16 components. Measurements of hfs have been made for some Mn ii lines (Holt et al. 1999) , but not for the λ5102 line. To get a first approximation of the hfs of the λ5102 line the relative gf values of the λ7110 line measured by Holt et al., with the same upper and lower J values as the λ5102 line, were used. The relative gf values can as a first approximation be considered the same for the two lines. The wavelength spacing between the components may not be the same for the two lines, since the spacing depends on the magnetic dipole (A) and electric quadrupole (B) constants.
The HgMn star κ Cnc was utilized for the investigation of the hfs of the Mn ii λ5102 line since no clear signs of a neodymium enhancement can be established from any of the other Nd iii lines. The upper limit of the neodymium abundance in κ Cnc, as derived from other Nd iii lines, is log N Nd = 2.30, and subsequent synthetic runs showed that this level of enhancement would affect the Mn ii line only slightly. Several synthetic runs were made, all utilizing the relative gf values derived from the λ7110 line, but with different hyperfine splittings, until a good match was found between the observed and the synthetic line profiles. The resulting fit is presented in Fig. 1 along with the one component fit.
The 16 component representation of the Mn ii line is useful for the purpose of determining the abundance from the blending Nd iii line. A good indication of the validity of our approach is that the abundance derived from the Nd iii λ5102 line agreed with that derived from other Nd iii lines, even for the stars with large enhancement of manganese, after the inclusion of the hfs.
The Nd iii λ5294 line is also blended with a Mn ii line consisting of nine components, but the latter line is not broadened as much as the Mn ii λ5102 line. This suggests that this Mn ii line has a much smaller hfs splitting than the λ5102 line. In κ Cnc a one component synthetic fit 3.50 Notes: The designations "w", "bl" and "n" denote the spectral line to be weak, blended or noise affected. of the Mn ii line agrees well with the observed line profile, and the line has therefore been treated as a single component line. The log gf value of the Mn ii λ5294 line presented in the Kurucz database was found to be too small, and was adjusted until the synthetic line profile matched the observed line profile. The Kurucz value of log gf = −0.037 was subsequently increased to +0.563 to achieve a good fit.
As seen in Table 10 , neodymium is, similar to praseodymium, noticeably more enhanced in the cooler HgMn stars than in the hotter ones. This is also illustrated in Fig. 2 , where the spectra of the observed HgMn stars are plotted in a region including the Nd iii λ5294 line. The strength of the Nd iii line is difficult to assess for the stars with v sin i > 5 km s −1 , due to a blend with the aforementioned Mn ii line.
Different temperature trends can be seen from the lines of other elements in Fig. 2 . The increase in strength of the Mn ii lines with effective temperature reflects their known behaviour in HgMn stars (see for instance Smith & Dworetsky 1993) . The increase in strength of the P ii line in the hotter HgMn stars of our sample is similarly a reflection of the known increase of the phosphorous abundance in HgMn stars with T eff > 13 000 K (Guthrie 1984) . The Xe ii line in Fig. 2 is noticeably stronger in the two hottest HgMn stars than in the other observed HgMn stars. This may be a reflection of an abundance increase of xenon towards hotter HgMn stars and/or of the high ionization potential of xenon.
Two of the hotter HgMn stars (HR 6520 and HR 6759) seem to have a similar neodymium enhancement as the cooler stars. These stars have only been observed in a very limited region of the spectrum, with only one Nd iii line, the λ6145 line, being observed. The log gf value of this Nd iii line is quite low, and in HR 7245 and HR 6520 the feature is quite weak and the spectrum a little noisy. Therefore it is debatable whether the feature is actually the Nd iii line, another unknown line or a noise feature. Other Nd iii lines need to be studied in these stars to verify the abundance. There is no question that there is a feature in the spectrum of the hottest HgMn star in our study, HR 6759. If the neodymium abundance in HR 6759 is as high as in the cooler HgMn stars in our study, it could be a sign that this star is related to the magnetic Bp stars, in which the lanthanides typically are greatly enhanced.
The hot-Am stars Sirius, HR 3383 and o Peg, with effective temperatures of approximately 10 000 K, were studied to see if the praseodymium and neodymium abundance enhancement from the Am stars through the cooler HgMn stars is increasing monotonically with effective temperature. In HR 3383 lines from Nd ii, Nd iii and Pr iii were observed, while the limited wavelength coverage of the o Peg and Sirius spectrum made it possible only to observe lines from Nd ii. The derived abundance enhancement for praseodymium and neodymium for the three stars were consistent with a 1.0-1.2 dex enhancement (see Table 11 ), similar to what is observed in cooler Am stars. 
Discussion
The abundance results for praseodymium and neodymium have been summarized in Table 11 . From this table it can be seen that the abundance of neodymium is greater than the abundance of praseodymium in all cases where both abundances have been determined, excluding 28 Her. But since the derived praseodymium abundance was established from one noise affected Pr iii line, it is more uncertain in this star. Excluding 28 Her the Nd-Pr abundance difference in the cool HgMn stars varies from 0.3 dex in φ Her to 0.7 dex in HR 4072 and ι CrB, which is consistently less than the 0.8 dex difference observed in the Sun (Grevesse et al. 1996) and in our observations of 32 Aqr, Sirius and HR 3383.
It is also noted that for HgMn stars of similar temperature the abundance of neodymium and praseodymium can be significantly different. The previously mentioned trend of the cooler HgMn stars having greater enhancements of praseodymium and neodymium is, however, clearly evident. Because of the generally lower abundance for praseodymium this trend is more readily observable for neodymium.
One of the goals of this study was to investigate the relationship between the Am and the HgMn stars and to establish whether there is evidence that the HgMn and Am star phenomena are really the same but seen from different effective temperatures. If this is correct one might expect to see a smooth change in the elemental abundances with temperature as, for example, affected by radiative acceleration increasing with temperature. If the abundances observed for the two groups of stars are clearly different, it might be construed as a sign of multiple physical processes (diffusion, rotation, magnetic fields) at work, or a more complicated dependence on effective temperature (diffusion, convection).
The neodymium abundance in Am stars is typically enhanced 1 dex over the solar abundance (see for instance Adelman et al. 1997 Adelman et al. , 1999 . For praseodymium a similar enhancement is usually not sufficient for the optical region Pr ii lines to be observable. The solar abundance of praseodymium is 0.8 dex less than the neodymium abundance. Thus the praseodymium abundance has seldom been quoted in abundance analyses of Am stars mostly due to the low abundance. In the cases where Pr ii lines have been observed the derived abundance seems to be consistent with a 1 dex enhancement.
For all the HgMn stars with T eff < 12 000 K in our study the neodymium and praseodymium abundances are more than 1.2 dex enhanced, with most of the stars showing a 1.5-2.5 dex enhancement. This large an enhancement clearly distinguishes the cool HgMn stars from the Am stars. The star ν Cnc has a similar neodymium enhancement as the Am stars and its temperature is lower than the HgMn stars studied here. This star has been thought of as an intermediary object between the Am and the HgMn stars (Adelman 1989) , and the 1 dex enhancement of neodymium might indicate a closer relation to the Am class of stars.
From the observed abundances of praseodymium and neodymium one can see a temperature regime, roughly between 10 500 and 12 000 K, within which the enhancement of the two elements is noticeably larger than the enhancement in cooler (Am) and hotter (HgMn) non-magnetic CP stars. Here, the term non-magnetic refers to the stars for which magnetic fields are not obvious through the observation of magnetic line broadening or intensification. There are no clear signs of a smooth transition of the praseodymium and neodymium abundance with temperature to and from this temperature regime where the enhancement is pronounced. Instead, it seems like there is a more abrupt change from an enhancement of approximately 1 dex in stars with T eff below 10 500 K, to a 1.5-2.5 dex enhancement in stars with T eff between 10 500 and 12 000 K, and back to an upper limit enhancement of approximately 1 dex in the hotter stars of our group.
The enhancement of certain elements in Am and HgMn stars as well as the depletions of others is postulated to result from diffusive processes active in stellar atmospheres and envelopes. According to the diffusion hypothesis put forward by Michaud (1970) , the anomalous abundances are the result of the ion being pushed upwards or brought downwards depending upon whether the radi-ation pressure is greater or smaller than the gravitational force.
For each ion the diffusion hypothesis can predict abundance anomalies that result from radiation pressure acting through atomic transitions (see for instance Michaud 1975) . The calculated radiative force depends on the stellar effective temperature, the atmospheric conditions as well as on the atomic weight of the element and details regarding its atomic structure. Calculations of abundance anomalies are complicated and simplifying assumptions and approximations are made. For most elements the calculated abundance is significantly higher than the observed abundance, which can perhaps be interpreted as other processes within the stellar atmospheres (turbulence) inhibiting diffusion. Calculations to establish the expected abundance enhancement of praseodymium and neodymium have not been made since the atomic physics of these elements and other rare earths is rather poorly known, making the diffusion calculations highly uncertain (Michaud et al. 1976 ).
Non-magnetic CP stars with T eff < 10 000 K are assumed to arrive on the main sequence with solar-like abundances and their H and He convection zones separated by a radiative zone (Michaud 1986) . With time He settles gravitationally which leaves the star with a thin superficial H convection zone above a radiative zone. In the radiative zone elements supported by radiative acceleration are pushed into the convection zone and their abundances are observed enhanced, while elements with radiative force smaller than the gravitational force settle and are observed as depleted. In CP stars with T eff > 10 000 K most of the hydrogen is ionized and no superficial convection zone exists. Instead these stars may have a small He convection zone that dissipates over time as a result of He settling gravitationally. After the He convection zone has disappeared the diffusive separation can go on directly in the stellar atmosphere.
The observed jump in the neodymium and praseodymium abundance at an effective temperature of approximately 10 500 K can perhaps be explained with the disappearance or diminishing of the H convection zone. The observed 1 dex abundance enhancement of praseodymium and neodymium in the Am stars may result from ongoing diffusive processes occurring below the H convection zone, bringing the elements closer to the stellar surface (influence from other processes, such as magnetic buoyancy, may also be contributing to enhanced line strengths). In the cool HgMn stars the lack of a convection zone might cause the elements to rise higher through diffusion than in the Am star atmospheres, with a subsequent increase in the observed abundances.
The apparent discontinuity in the neodymium and praseodymium abundance in the vicinity of the Am-HgMn boundary is similar in nature to the jump observed for the mercury abundance between the hotter Am and the HgMn stars (see for instance Wahlgren et al. 1993 and Rooke 1999 , where the Am stars have a moderate 1.5 dex enhancement of mercury, while the HgMn stars have a pronounced mercury enhancement ranging between 3.5-6 dex. The larger difference in the mercury abundance between Am and HgMn stars, compared to the difference in praseodymium and neodymium abundance, is possibly a reflection of diffusion acting more efficiently on mercury than on praseodymium and neodymium, something that may be explained by the difference in atomic structure and mass of these elements (see for instance Michaud et al. 1976; Michaud 1987) .
After additional elements are investigated for their abundance in stars in the vicinity of the HgMn -Am boundary it may become possible to understand and explain the interplay between atomic properties (structure, mass) and atmospheric processes (diffusion, convection, magnetic fields, mass loss) in these stars. Such investigations would provide tighter constraints for theoretical investigations of atmospheric processes in CP stars.
